The formation of planets depends on the underlying protoplanetary disc structure, which in turn influences both the accretion and migration rates of embedded planets. The disc itself evolves on time scales of several Myr, during which both temperature and density profiles change as matter accretes onto the central star. Here we used a detailed model of an evolving disc to determine the growth of planets by pebble accretion and their migration through the disc. Cores that reach their pebble isolation mass accrete gas to finally form giant planets with extensive gas envelopes, while planets that do not reach pebble isolation mass are stranded as ice giants and ice planets containing only minor amounts of gas in their envelopes. Unlike earlier population synthesis models, our model works without any artificial reductions in migration speed and for protoplanetary discs with gas and dust column densities similar to those inferred from observations. We find that in our nominal disc model, the emergence of planetary embryos preferably tends to occur after approximately 2 Myr in order to not exclusively form gas giants, but also ice giants and smaller planets. The high pebble accretion rates ensure that critical core masses for gas accretion can be reached at all orbital distances. Gas giant planets nevertheless experience significant reduction in semi-major axes by migration. Considering instead planetesimal accretion for planetary growth, we show that formation time scales are too long to compete with the migration time scales and the dissipation time of the protoplanetary disc. All in all, we find that pebble accretion overcomes many of the challenges in the formation of ice and gas giants in evolving protoplanetary discs.
Introduction
The formation of planets takes place in protoplanetary discs that surround newly born stars. This process can happen on different time scales. Gas giants have to form within the lifetime of the gaseous protoplanetary disc, since they must accrete a gaseous envelope after the formation of the planetary core. Because the typical disc lifetimes are constrained to a few Myr (Hartmann et al. 1998; Haisch et al. 2001; Mamajek 2009 ), giant planet formation has to happen within the same time span. Terrestrial planet formation, on the other hand, finishes on much longer time scales. In our own solar system the last giant impact is constrained to have occurred ∼ 100 Myr after the solar system formed (Kleine et al. 2009; Jacobson et al. 2014) .
The evolution of the protoplanetary disc is crucial for the formation of giant planets, because the whole growth process from dust to planetary cores happens in the gas phase of the disc. The structure of the disc can be approximated by a minimum mass solar nebular (MMSN), in which the gas surface density Σ g , temperature T , and aspect ratio H/r are set to be simple power laws Hayashi 1981) . However, the structure of the inner regions of protoplanetary discs (r < 10 AU) is in reality much more complicated than a simple power law, and the disc instead features bumps and dips caused by transitions in opacity Bitsch et al. 2015; Baillié et al. 2015) . In Bitsch et al. (2015) we ran an extensive suite of protoplanetary disc models and provided analytical fitting models of Send offprint requests to: B. Bitsch, e-mail: bert@astro.lu.se the disc structure that greatly improve on the simplified MMSN model.
We now review some critical processes for how planets are formed and how they are influenced by the structure of the protoplanetary disc.
Planetesimal formation can be triggered through the streaming instability (Youdin & Goodman 2005; Johansen & Youdin 2007) or in vortices (Raettig et al. 2015) . For this process to happen, dust particles in the protoplanetary disc first have to grow to pebbles by coagulation and condensation (Zsom et al. 2010; Birnstiel et al. 2012; Ros & Johansen 2013 ). These pebbles then move radially towards the start owing to gas drag Brauer et al. 2008) . During their motion, a swarm of pebbles can undergo a gravitational collapse and form a planetesimal, which are the first building blocks of planets. The formation process of planetesimals via the streaming instability is a strong function of the pressure gradient in the disc, making discs with bumps in their pressure profile very appealing compared to the simple MMSN disc .
The growth of the core of a giant planet can happen via the accretion of planetesimals onto a planetary embryo, which is basically a large planetesimal. However, this process can easily take longer than the lifetime of the protoplanetary disc itself (Pollack et al. 1996; Rafikov 2004; Levison et al. 2010) , if the amount of solids is not increased by a factor of 6 − 8 compared to solar value. These growth time scales can nevertheless be significantly reduced when the accretion of small pebbles onto planetesimals is taken into account (Johansen & Lacerda 2010; Ormel & Klahr 2010; Lambrechts & Johansen 2012; Morbidelli & Nesvorny 2012) . In this process the formation of A&A proofs: manuscript no. Planetgrowth a core of ∼ 10M Earth at ∼ 5 AU can occur within 1 Myr. Pebbles can either form by coagulation of dust in the disc or be the result of fragmentation of the planetesimal population (Chambers 2014) . Recently, Johansen et al. (2015) have also shown that even chondrules can be accreted effectively on planetesimal seeds. The process of pebble accretion depends significantly on the disc structure because the accretion rate depends on the disc's aspect ratio and pressure gradients .
Gas accretion starts after the core has reached its isolation mass for either planetesimals or pebbles, because during the accretion of solids the atmosphere is heated by the impacts, preventing a contraction and efficient gas accretion. This isolation mass depends on the semi-major axis and column density of planetesimals (Mizuno 1980; Kokubo & Ida 2002; Raymond et al. 2014 ) and on the disc's aspect ratio H/r for pebble accretion . After the bombardment of planetesimals or pebbles has stopped, the gaseous envelope can contract, and runaway gas accretion can start (Pollack et al. 1996) . However, the isolation mass of planetesimals is very hard to determine and much clearer to determine for pebble accretion. For planetesimal accretion, the isolation mass has to be estimated by N-body simulations (Kokubo & Ida 2002) , while for pebble accretion the isolation mass is determined directly by the modifications of the pressure gradient in the disc, which is caused by the planet itself, and that can halt pebble accretion ). The gas accretion is limited not only by the properties of the planet (e.g. mass of the core), but also by the disc itself, because the planet cannot accrete more gas than what is provided through the accretion rate of the gas onto the central star. In fact, the accretion rate onto the planet is at its maximum roughly ∼ 80% of the stellar accretion rate (Lubow & D'Angelo 2006) .
Planet migration describes the gravitational interactions of the planet with the surrounding gas disc (Ward 1997 ). In the locally isothermal limit, the time scales for inward migration of embedded planets is shorter than the disc's lifetime (τ mig ≈ 8 × 10 5 yr for an Earth size planet at 5 AU), which poses a problem for the formation of planets (Tanaka et al. 2002) . Considering the thermodynamics inside the disc, recent studies have shown that planets can migrate outwards Kley & Crida 2008; Baruteau & Masset 2008; Kley et al. 2009 ). This outward migration depends on the gradient of entropy in the disc and is most likely to happen in regions of the disc where H/r drops with increasing orbital distance (Bitsch et al. 2013 ). Low-mass planets are in this so-called type-I-migration phase, where the perturbation of the planet onto the disc is small. When the planets become more massive, for example, when it is caused by gas accretion, they start to open a gap inside the disc and migrate with the viscous accretion speed of the disc, which is much slower than the type-I migration and is called type-II migration (Lin & Papaloizou 1986) . Migration thus affects planets of all masses, where its effects become significant when the planet is larger than one Earth mass.
All these aspects and their interplay have to be considered when trying to explain the observed distribution of planets and exoplanets. First attempts to explain the distribution of exoplanets have been done in so called population synthesis studies that started about a decade ago (Ida & Lin 2004; Alibert et al. 2004 ). These studies generally assume that the core grows via the accretion of planetesimals, after which gas accretion can set in. During this growth phase, the planets migrate through the disc. These models are able to explain the distribution of the observed exoplanets only by making some critical assumptions, some of which are questionable. These questionable assumptions regarding the migration speed of planets, the amounts of solids in the disc and the lifetime and evolution of protoplanetary disc itself are discussed in more detail in section 6.9, where we show that no supposedly helpful assumptions have to be made in our model.
The aim of this paper is to study the formation and evolution of planets in evolving accretion discs around young stars, where planets first grow via pebble accretion and can then contract a gaseous envelope. We focus here on the formation of different planetary types that can emerge in protoplanetary discs, on the parameters in initial semi-major axis, and on the initial time needed to form planets of a certain planetary type. and propose that the dichotomy between ice and gas giants is a natural consequence of fast growth by pebbles and the existence of a pebble isolation mass. Additionally, show that ice giants can overcome the type-I migration barrier by growing faster than they migrate. In this study we wish to investigate this concept in a more realistic disc than an MMSN, compared to their study improved planet migration and gas accretion rates.
We use the disc evolution model of Bitsch et al. (2015) for solar-type stars. This disc model is a semi-analytical formula fitted to 2D radiation hydrodynamic simulations that feature stellar and viscous heating, as well as radiative cooling. It reproduces the dips and bumps in the disc profile caused by opacity transitions and captures the disc evolution on a time scale of several Myr, which are linked to observations of accretion discs (Hartmann et al. 1998) . In this disc we implant planetesimals that accrete pebbles, following the radial-drift-dominated approach of Birnstiel et al. (2012) ; for the formation of pebbles. These planets grow rapidly and can reach their pebble isolation mass ) in several 100 kyr, which is when their gas accretion starts. The gas accretion is modelled by using accretion rates of Machida et al. (2010) and envelope contraction rates following Piso & Youdin (2014) . During their growth, the planets migrate through the disc. We use the analytical torque formula for type-I migration of Paardekooper et al. (2011) to mimic their motion in the disc. When planets become massive and start to open up a gap in the disc, they migrate with the viscous type-II migration (Lin & Papaloizou 1986) , which is slower than type-I migration.
Our work is structured as follows. In section 2 we explain the different methods used for pebble and gas accretion, for the disc evolution, and for planetary migration. We then present results of simulations where the planets grow via pebble and gas accretion while they migrate through the evolving disc (section 3). The results obtained with pebble accretion are compared with simulations where the cores grow via planetesimal accretion in section 4. In section 5 we discuss the formation of the giant planets in our own solar system via pebble accretion. The many applications of our planetary growth model are discussed in section 6. We finally summarize in section 7.
Methods
The methods used in this work are explained in much more detail in the literature cited in the following paragraphs. This section only intends to summarize the methods in a condensed way, so that it is easy to understand the principles on which our work is based. During the disc evolution in time (section 2.1), planets grow first via pebble accretion (section 2.2) very quickly. After they have reached their pebble isolation mass, gas can accrete onto the planet (section 2.3). During the whole growth process planets migrate through the disc, which changes their semi major axes (section 2.4).
Evolution and structure of the disc in time
The lifetime of protoplanetary discs spans 1-10 Myr (Hartmann et al. 1998; Haisch et al. 2001; Mamajek 2009 ). During the lifetime of the disc, the accretion rateṀ changes in time following constraints from observations of slightly sub-solar mass stars in the Taurus cluster (Hartmann et al. 1998) , log Ṁ M ⊙ /yr = −8.00 − 1.40 log t + 10 5 yr 10 6 yr .
The accretion rateṀ can then be related to the viscosity ν and the gas surface density Σ g viȧ
where we assume a constant accretion rate for each orbital distance. For the viscosity, we take the α approach (Shakura & Sunyaev 1973) with α = 0.0054 constant throughout the whole disc, where ν = αH 2 Ω K . Bitsch et al. (2015) calculated the structure of accretion discs around solar type stars with 2D simulations that includ viscous and stellar heating, as well as radiative cooling for several differentṀ rates, which correspond to different evolution times of the disc (Eq. 1). We note here that in the Bitsch et al. (2015) disc model, the α value only represents the heating of the disc and is not representative of the viscous evolution of the disc. They then provided a semi-analytical fit to the disc structure evolution in time (see Appendix A in Bitsch et al. (2015) ), which we use for the evolution model of our disc. This model covers a radial extent from 1 to 50 AU. Inside of one, we extrapolate the fit of Bitsch et al. (2015) with the given power laws.
This extension of the disc structure fit is correct as long as the temperature in the disc is so low that silicates do not melt or evaporate. The melting or evaporation causes an additional transition in the opacity profile, which changes the cooling properties of the disc and therefore the structure of the disc. In the very early stages of the disc, the silicate evaporation line is at 0.7 AU, but it moves inwards in time as the disc loses mass, so that silicates only evaporate in the very inner regions of the disc (r < 0.1 AU). In addition, we focus on planets that form in the outer disc (r P > 3 AU), which only reach the inner regions of the disc via migration when they have stopped accreting solids (Eq. 16) in the first place.
The disc structure of Bitsch et al. (2015) features bumps and wiggles in the important disc quantities (Σ g , T , and H), which are caused by transitions in the opacity κ (e.g. at the ice line) that influences the cooling rates of the disc as D ∝ 1/κ (Bitsch et al. 2013 . A change in the cooling rate of the disc directly changes the discs temperature T and thus the scale height of the disc [T ∝ (H/r) 2 ], which in turn changes the local viscosity of the disc. This change in the local viscosity has to be compensated for by a change in the surface density Σ g to have the sameṀ at all orbital distances, thus creating a change in the local radial gradient in surface density and pressure P . Therefore a steeper gradient in temperature will result in a shallower gradient in surface density at the same orbital location.
This has important consequences for the accretion of pebbles (section 2.2), which depends on the pressure gradient parameter η (eq. 6) and for the migration of planets, which depends on the gradients of temperature, surface density, and entropy (section 2.4).
The disc structure in itself depends on the dust grains inside the discs, because those grains are responsible for the absorption and re-emission of photons that distribute the heat inside the disc. The main contribution to the dust opacities originates in micrometre-sized dust grains. Larger dust grains only contribute minimally to the opacity, so that we do not take their contribution into account. We assume here a metallicity of micrometre-sized dust grains of 0.5% or 0.1% of the gas density at all time. We also make the assumption that this small dust is coupled perfectly to the gas and does not evolve its size distribution in time. Here we use the opacity table of Bell & Lin (1994) .
The decay of the disc accretion rate fromṀ = 1×10 −7 M ⊙ /yr down toṀ = 1 × 10 −9 M ⊙ /yr takes 5 Myr in Hartmann et al. (1998) . Using the time evolution ofṀ via eq. 1, the disc spends 2 Myr decaying fromṀ = 2 ×10 −9 M ⊙ /yr toṀ = 1 ×10 −9 M ⊙ /yr. However, for these low accretion rates, photoevaporation becomes very efficient, and the disc can dissipate in much shorter time scales (Alexander et al. 2014) . For this reason, our nominal disc lifetime is set to 3 Myr, which is when we assume that photoevaporation clears the disc immediately, but we follow the decay rate ofṀ given by eq. 1 down toṀ = 2 × 10 −9 M ⊙ /yr. The disc structure significantly changes as the disc evolves in time and asṀ decreases. As the disc reduces inṀ and Σ g , the disc becomes colder, because viscous heating decreases, which implies that the opacity transition at the ice line moves inwards. This means that the bumps and wiggles in the disc structure (T , Σ g and H) move inwards as well. The star also evolves and changes its luminosity, changing the amount of stellar heating received by the disc and thus changing the temperature, which is all taken into account in the Bitsch et al. (2015) model. These changes to the disc structure influence the formation and migration (see Fig. 1 ) of growing protoplanets significantly.
Growth via pebbles
The growth of planetary embryos via pebble accretion is outlined in Lambrechts & Johansen (2012) and . The pebbles form from grains initially embedded in the protoplanetary disc (∼ µm size) by collisions (Birnstiel et al. 2012) or through sublimation and condensation cycles around ice lines (Ros & Johansen 2013) . Swarms of these pebbles drift inwards towards the star, but can collapse under their own gravity and form planetesimals of 100 to 1000 km in size in a process called streaming instability (Youdin & Goodman 2005; Johansen & Youdin 2007) . Further discussion on this process can be found in the review of Johansen et al. (2014) , along with a list of other models of planetesimal formation by particle concentration and gravitational collapse.
We now consider cores that predominantly grow by accretion of particles with approximately mm-cm sizes. This particle size can be expressed through the gas drag time scale t f and the Keplerian frequency Ω K in terms of the Stokes number
where ρ • is the solid density, R the particle radius, ρ g the gas density, Ω K the Keplerian frequency, and H g the local gas scale height. Small particles (τ f ≪ 1) are strongly coupled and move with the gas, while larger particles (τ f ≫ 1) are only weakly affected by gas drag. The scale height of pebbles H peb is related to the scale height of the gas H g through the viscosity and the Stokes number A&A proofs: manuscript no. Planetgrowth (Youdin & Lithwick 2007) by
where α is the viscosity parameter. In our simulations we place seed masses that have reached the pebble transition mass
where G is the gravitational constant, v K = Ω K r, and
Here, ∂ ln P/∂ ln r is the radial pressure gradient in the disc. These masses are typically in the range of 5×10 −4 M E to 10 −2 M E (see Fig. 2 ). The pebble transition mass defines the planetary mass at which pebble accretion occurs within the Hill radius, while for lower masses pebbles are accreted within the Bondi radius (Lambrechts & Johansen 2012) .
These masses are a bit higher than planetesimals formed by the streaming instability, which have roughly 10 −4 M E . Even if a planetesimal of 10 −4 M E forms at t = 0, the planetesimal has several Myr to grow to the pebble transition mass M t . This growth phase can occur through the accretion of planetesimals or pebbles in the inefficient Bondi accretion regime (Lambrechts & Johansen 2012; Johansen et al. 2015) .
Planets whose Hill radius is roughly larger than the scale height of the pebbles (eq. 4) accrete in a 2D fashion, and the accretion is given bẏ
where r H = r[M c /(3M ⋆ )] 1/3 is the Hill radius, v H = Ω K r H the Hill speed, and Σ peb the pebble surface density. If the Stokes number of the particles τ f is larger than 0.1, the accretion rate is limited tȯ
because the planetary seed cannot accrete particles from outside its Hill radius (Lambrechts & Johansen 2012) . However, when the planets are small and their Hill radius is smaller than the scale height of the pebbles, the pebble accretion rate is reduced and planets accrete in a 3D way, which is related to the 2D accretion rate bẏ
The transition from 3D to 2D pebble accretion is then reached when
This transition depends on particle size (τ f ) and on the scale height of the disc. This means that in the outer parts of the disc, where H peb is larger and τ f is smaller, a higher planetary mass is needed to reach the faster 2D pebble accretion branch. We use the Stokes number of the dominant particle size
This size is obtained from an equilibrium between growth and drift to fit constraints from advanced coagulation models and observations of pebbles in protoplanetary discs (Birnstiel et al. 2012 ). The parameter ǫ P is 0.5 and ǫ D is 0.05 . In our disc model, this results in Stokes numbers between 0.05 and 0.5. The pebble surface density depends on the gas surface density Σ g and the semi major axis r p of the planet through
where the pebble flux iṡ
Here, Z denotes the fraction of solids (metallicity) in the disc that can be transformed into pebbles at the pebble production line r g at time t r g = 3 16
1/3
and
where M ⋆ is the stellar mass, which we set to 1M ⊙ . After 3 Myr of disc evolution, the pebble production line is at 250 AU, indicating that the disc has to be at least 250 AU wide to sustain a pebble flux for 3 Myr. After 5 Myr of disc evolution, the pebble production line is located at 360 AU. Observations by Andrews et al. (2010) find typical protoplanetary disc radii to be 150 − 200 AU for discs that are a few Myr old, which is only slightly smaller than our estimated pebble production line at 3 Myr. When pebbles form in the outer disc drift across the water ice line, they will melt, because they mainly consist of ice, and release the trapped silicate particles. Then the particle size shrinks significantly, which will slow down the pebble accretion rate onto the planet (eq. 7). However, in our model, the water ice line is located outside 3 AU only in the very early stages of the disc evolution, and it moves inwards very quickly with time . Since planets grow rapidly by accretion of pebbles locally and experience most migration after reaching pebble isolation mass, the planets only accrete icy pebbles and reach their pebble isolation mass before they migrate across the water ice line.
The initial planetary seeds efficiently accrete pebbles (eq. 7) and grow very fast. During this growth process, the planetary seeds can also attract a gaseous envelope (section 2.3). The structure of the gaseous envelope is supported by the accretion luminosity deposited by the accreted pebbles into the atmosphere of the planet. The envelope will collapse when the mass of the core is similar to the mass of the envelope itself. However, when the envelope collapses, this critical core mass is a function of the accretion rate onto the planet itself, where the critical core mass becomes higher with increasing accretion rates. Without any interruption in the pebble accretion rate, the critical core mass can be up to ∼ 100M E , which is up to an order of magnitude higher than the amount of solids in the giant planet's cores of the solar system ).
However, when the planet reaches a certain mass, it changes the gas pressure gradient in the disc locally, which modifies the rotation velocity of the gas that then halts the drift of pebbles that could be accreted onto the core so the accretion of pebbles stops . This is the so-called pebble isolation mass )
When pebble isolation mass is reached, the planet can contract its envelope and start gas accretion. The pebble isolation mass is therefore a natural division between gas and ice giants, where ice giants did not reach pebble isolation mass early in the disc lifetime. This can then explain the difference between gas and ice giants in our own solar system ).
Gas accretion
Planets that reach pebble isolation mass (eq. 16) can start to accrete gas, because the pebble flux onto the planet that heats the envelope and hinders its contraction has stopped. However, during the formation of the planetary cores via pebble accretion, small amounts of highly polluted gas can be bound to the planet inside the planets Hill sphere. We therefore assume that 10% of the planets mass is in gas, prior to the point when the planet reaches pebble isolation mass. This means that 90% of the nominal pebble accretion rate is counted as solids, and 10% is counted as gas. During this stage the planet grows at the same speed as if 100% of the accretion were in pebbles. This approach also means that the same pebble isolation mass is reached, because the total mass of the planet is the same. Piso & Youdin (2014) estimate the gas contraction time of a gaseous envelope around a planet. After the planet has reached pebble isolation mass, the envelope of the planet contracts on a long time-scale while it accretes some gas. This contraction phase takes place as long as M env < M core and the corresponding gas accretion rate can be extracted from Piso & Youdin (2014) and is given bẏ
where f is a fudge factor to change the accretion rate in order to match numerical and analytical results, which is normally set to f = 0.2 (Piso & Youdin 2014) . The opacity in the planets envelope κ env is generally very hard to determine because it depends on the grain sizes and distribution inside the planetary atmosphere. Here we use κ env = 0.05cm 2 /g, which is very similar to the values used in the study by Movshovitz & Podolak (2008) . In Appendix B we test the influence of different values of κ env for gas accretion. For the density of the core, we assume ρ c = 5.5g/cm 3 . This contraction phase ends as soon as M core = M env and rapid gas accretion starts.
For rapid gas accretion (M core < M env ), we follow Machida et al. (2010) directly. They calculated the gas accretion rate using 3D hydrodynamical simulations with nested grids. They find two different gas accretion branches, which are given aṡ
anḋ
where the effective accretion rate is given by the minimum of these two accretion rates. The low branch is for low mass planets (with (R H /h < 0.3), while the high branch is for high mass planets ((R H /h > 0.3), and the effective accretion rate is given by the minimum value of both rates. Additionally, we limit the maximum accretion rate to 80% of the disc's accretion rate onto the star, because gas can flow through the gap, even for high mass planets (Lubow & D'Angelo 2006) .
Planet migration
The growing protoplanets inside the disc interact with the surrounding gas and migrate through it. The process of migration is substantially different between low mass planets that are still fully embedded in the disc (type-I migration) and high mass planets that open up a gap inside the disc (type-II migration). The migration rates of low mass planets can be obtained by 2D and 3D hydrodynamical simulations (Kley & Crida 2008; Kley et al. 2009; Lega et al. 2014) . However, these simulations are very computationally intensive, so we use a prescribed formula to compute the torque acting on embedded planets (Paardekooper et al. 2011) . The torque formula of Paardekooper et al. (2011) includes the effects of torque saturation and has been tested against 3D simulations in fully radiative discs , which find good agreement. Recent studies of Lega et al. (2015) tested the torque formula against numerical simulations in accreting discs including stellar and viscous heating and radiative cooling, as used in the disc model of Bitsch et al. (2015) , and found very good agreement with respect to the zero-torque location in the disc, where planets would stop their inward migration. For low mass planets (M P < 5M Earth ), previous studies of Lega et al. (2014) have shown a slight discrepancy with the torque formula of Paardekooper et al. (2011) , however these differences were found to be very small, even considering that very small planets migrate very slowly in the first place. Here we also assume that planets move only on circular orbits around the stars, because eccentricity and inclination is damped quite quickly by the gas disc (Bitsch & Kley 2010; . We therefore use the torque formula of Paardekooper et al. (2011) , where the total torque Γ tot acting on a planet is given as a composition of the Lindblad torque Γ L and the corotation torque Γ C ,
The Lindblad and corotation torques depend on the local radial gradients of surface density Σ g ∝ r −s , temperature T ∝ r −β , and entropy S ∝ r −ξ , with ξ = β − (γ − 1.0)s, where γ = 1.4 is the adiabatic index.
Very roughly said, for Σ g gradients that are not too negative, a radially strong negative gradient in entropy, caused by a large negative gradient in temperature (large β), will lead to outward migration, while a shallow gradient in entropy will not lead to outward migration and planets migrate inwards. Therefore planets can migrate outwards in certain regions of the disc, where strong negative gradients in temperature can be found. Generally these regions of outward migration exist close to transitions in opacity, where H/r drops (Bitsch et al. 2013 Bitsch et al. 2015) . However, as the disc evolves in time, these regions of outward migration also evolve in time, so that at the very late stages of the disc evolution (Ṁ < 4 × 10 −9 M ⊙ /yr) only very small regions of outward migration exist that can only hold planets of up to ≈ 10M Earth .
A&A proofs: manuscript no. Planetgrowth This is illustrated in Fig. 1 where we display the evolution of the regions of outward migration in time in our simulations. As the disc evolves in time, the strong negative gradient in entropy, which is caused by the negative gradient in temperature just outside the ice line (r > r ice ) that can trigger outward migration, moves towards the star. The region of outward migration therefore moves towards the star, which finally makes the inner region of outward migration (caused by the silicate line) disappear after 0.75 Myr. In the late stages outward migration is only possible in the inner parts of the disc for very low mass planets (M P < 10M E ), where the regions of outward migration stay roughly constant, because the disc's temperature gradients do not evolve significantly at these stages of disc evolution any more .
Planets that have reached their pebble isolation mass (eq. 16) start to accrete gas (section 2.3) and grow even further until they finally open a gap inside the disc. A gap can be opened (with Σ Gap < 0.1Σ g ), when
where r H is the Hill radius, q = M P /M ⋆ , and R the Reynolds number given by R = r 2 P Ω P /ν (Crida et al. 2006) . If the planet becomes massive enough to fulfil this criterion, it opens up a gap in the disc, and it migrates in the type-II regime. The gapopening process splits the disc in two parts, which both repel the planet towards the centre of the gap, meaning that the migration time scale of the planet is the accretion time scale of the disc, τ visc = r 2 P /ν. However, if the planet is much more massive than the gas outside the gap, it will slow down the viscous accretion. This happens if M P > 4πΣ g r 2 P , which leads to the migration time scale of
resulting in slower inward migration for massive planets (Baruteau et al. 2014) .
Before the planet is massive enough to open up a deep gap inside the disc, there is still material inside the planets corotation region, which reduces the total negative torque acting on the planet and can in principle be so strong that the planet can migrate outwards (Crida & Morbidelli 2007) . The depth of the gap is given in Crida & Morbidelli (2007) as
The factor f (P) reduces the migration rate of the planet, when a partial gap is opened in the disc, because the migration rate depends directly on the gas surface density Σ g . We multiply our migration rate directly by f (P) to reduce the migration rate by the partial opening of the gap. This reduction of the migration rate is very crucial, because planets that open a partial gap in the disc generally have several 10s of Earth masses and migrate very fast through the disc, because they are still in the type-I migration regime. In additional, we use a linear smoothing function for the transition between planets that open partial gaps inside the disc (that migrate with the reduced type-I speed by the factor f (P)) and planets that migrate with type-II, because even the reduced type-I migration rate (if the gap is fully opened with P < 1) is different from the nominal type-II rate.
A new study by Benítez-Llambay et al. (2015) shows that low mass planets (M P < 5 M E ) that accrete very fast can actually migrate outwards instead of the inward type-I-migration. However, we find that this effect is not that important for planets that grow via pebble accretion, because the growth is so fast that 5 M E is reached in a very short time, which also limits the time the planet actually migrates until it reaches 5 M E . This is discussed in Appendix D.
The corotation torque arises from material that executes horseshoe U-turns relative to the planet, where most of this material is trapped in the planet's horseshoe region. But, if the planet migrates with respect to the disc, material outside the horseshoe region will execute a unique horseshoe U-turn relative to the planet, which can alter its migration speed. This becomes important, in particular, when the planet starts to carve a gap around its orbit. This can lead to runaway type-III migration, if the coorbital mass deficit δM is greater than the mass of the planet M P , which can significantly change the semi-major axis of the planet in just a few orbits (Masset & Papaloizou 2003) . The co-orbital mass deficit is defined as the mass that the planet pushed away from its orbit compared to the unperturbed disc structure as it starts to open up a gap. Unfortunately, there are no prescriptions to model this migration analytically, but we nevertheless test whether a growing planet might be subject to runaway type-III migration during our simulations.
Migrating planets also experience dynamical torques that are proportional to the migration rate and depend on the background vortensity 1 gradient (Paardekooper 2014) . These dynamical torques can have either positive or negative feedback on the migration, depending on whether the planet migrates with or against the direction of the static corotation torque. The effects of these dynamical corotation torques can be profound because they can slow down inward migration significantly, and outward migration can proceed beyond the zero-torque lines in discs that are massive and have a low viscosity. An approximate estimate of whether dynamical corotation torques play a role depends on the disc's viscosity and mass, as well as on the planet's mass Paardekooper (2014) . In particular, when
migration due to the dynamical corotation torques will be important. Here the subscripts P and 0 indicate the initial location of the planet, s is the radial gradient of the surface density profile, Γ 0 the normalisation of the torque, q d = πr 2 P,0 Σ P,0 /M ⋆ the disc mass, andx s = q/h, where q = M P /M ⋆ . Unfortunately this effect is not quantified further, so that we just indicate when the dynamical corotation torques might become important, but our simulations do not evolve with them. This effect and the effect of type-III migration are both discussed in Appendix E.
As soon as the planet reaches an inner edge of 0.1 AU, we not only stop migration, but also the total simulation. That close to the central star, stellar tides can become important and influence the evolution of the planet, which we do not take into account.
Formation of planets
In this section we explore the growth of planetesimals that are inserted at a given initial time t 0 and a given initial distance r 0 into the disc. The initial time t 0 is important, because we keep the lifetime of the disc at 3 Myr, meaning that planets that are inserted into the disc, for example at t 0 = 2 Myr, will only experience 1 Myr of evolution. Additionally, the structure of the protoplanetary disc is different at different ages . The initial distance r 0 determines where the planetary seed is placed. This strongly influences the initial growth of the planet, because the surface density Σ g is lower at greater orbital distances, which means that the pebble surface density Σ peb is also lower, indicating a longer growth time of the core. After the planets have reached their pebble isolation mass, the contraction of the gaseous envelope begins until M c < M env . At this point, runaway gas accretion starts.
We focus here on discs that have a total lifetime of 3 Myr. A longer disc lifetime (5 Myr) does not affect our results qualitatively, but simply pushes the preferred planet formation time out to ∼ 3 Myr (see Appendix A). Additionally, in this section we assume that the opacity in the envelope is fixed to κ env = 0.05 cm 2 /g. Different opacities of the envelope are explored in Appendix B.
In Table 1 we define the different planetary categories used in this work. Our definition of different planetary categories is simply a function of planetary mass. Only the subcategories are a function of the final orbital distance. The definition of ice giants is slightly different than in , where ice giants are required to not reach pebble isolation mass. This change in the definition is related to the slow contraction of the gaseous envelope (eq. 17), which allows for M c > M env for a long time after reaching pebble isolation mass.
Single evolution track
In this section we follow the evolution tracks of planets in the disc to clarify the different outcomes of planetary evolution. We use a metallicity of Z = 1.0% in pebbles that can be accreted onto the initial seed masses. When we include the 0.5% of metals in dust grains from the disc structure, our total metallicity is therefore roughly the solar value. We chose different initial starting locations r 0 of the planets, and all planets start at the initial time t 0 = 2 Myr, which means that the planets will evolve for 1 Growth tracks of planets that accrete pebbles in an evolving protoplanetary disc. The big black circular symbols indicate the final mass and position of the planets at t f = 3 Myr, meaning that the planets experience 1 Myr of evolution. The small black dots indicate 2.2, 2.4, 2.6, and 2.8 Myr. In the example of the purple line (r 0 = 10 AU), the planet reaches 0.1 AU before the final disc lifetime, and we stop the simulation. The different coloured lines indicate different planetary evolutions, which correspond to different types of planets, where we have an ice giant, a hot gas giant, a cold gas giant, one more ice giant, and two ice planets starting from inside out (see text). The grey line indicates the surface density of pebbles in the disc at 2 Myr and ends at the ice line slightly interior to 1 AU, where the pebble surface density changes. .
Myr, because our total disc lifetime is 3 Myr. In Fig. 2 the evolution tracks of the planets and the pebble surface density Σ peb at 2 Myr are shown. The surface density of pebbles Σ peb is calculated through eq. 12, which depends on Σ g . Therefore the bumps in Σ g caused by the transitions in opacity translate into bumps in the pebble surface density. As the gas surface density decreases and evolves in time, so does the pebble surface density. The starting mass of the planets is different at different locations, because it is set by the pebble transition mass, which depends on the disc's aspect ratio (eq. 5).
Planets that manage to reach their pebble isolation mass contract their envelope until M c < M env and the planets can start runaway gas accretion. During the whole growth process the planet migrates through the disc. The planets have been inserted into the disc at an disc age of t 0 = 2 Myr and are evolved until t f = 3 Myr. Planets that cross the ice line have already reached pebble isolation mass, so they do not accrete pebbles any more, making it unnecessary to model a transition in pebble size and pebble surface density at the ice line.
The planetary seed implanted at 50 AU (green line in Fig. 2 ) accretes pebbles very slowly, because the pebble column density is very low at those orbital distances. At 3 Myr, the planet has just reached ≈ 0.2 M E and is very far away from reaching pebble isolation mass. Because of its low mass, it also migrates only a very short distance. This is a typical example of an ice planet in our definition.
The planet starting a bit farther inside at r 0 = 40 AU (light blue line in Fig. 2 ) grows also very slowly, because the surface density in pebbles and the Stokes number (τ f < 0.1) is low in the outer disc. It therefore never reaches pebble isolation mass and stays low, with a mass of only a few tenths of an Earth mass. Because the planet stays quite small, it only migrates a few AU inwards. This is an example of a slightly more massive ice planet in our definition, because it forms in the cold outer parts of the disc and is less massive than 2 M E . The planets starting at r 0 = 40 and r 0 = 50 AU always accrete in the 3D scheme, because A&A proofs: manuscript no. Planetgrowth
Planet category
Planetary mass Orbital distance Table 1 . Definition of planets used in this work. We distinguish the main classes of planets (gas giants, ice giants, and ice planets) only by mass and mass ratio between core and envelope. The subcategories for gas giants are defined through their orbital distances, which we do not apply for ice giants and ice planets.
(i) the particle scale height is large in the outer disc and (ii) τ f is very small, which explains their low growth rates. The planetary seed starting at 25 AU (black line in Fig. 2 ) accretes pebbles at a faster rate (higher Σ peb , larger τ f ), but it misses reaching pebble isolation mass after 1 Myr of evolution. Because it is more massive, it migrates farther in the disc and ends up at ∼ 22 AU. Its mass ends up at about 5 M E , where the mass of the core is much more massive than the mass of the envelope, making it an ice giant according to our definition.
Starting a planetary seed at 15 AU (dark blue line in Fig. 2 ) reveals a new growth path. After the planet has reached pebble isolation mass, its envelope contracts and the planet starts a runaway gas accretion process, making it a gas giant planet. During its growth the planet migrates inwards from 15 AU down to ∼ 3 AU. The main migration happens when the planet is undergoing fast inward type-I migration, before it is massive enough to open a gap in the disc (at ∼ 120 M E ). This fast inward migration before gap opening indicates that the formation of gas giants requires a formation much farther out in the disc than their final orbital position would indicate; in situ formation of gas giants is impossible when including full planetary migration rates.
The planetary seed starting at 10 AU (purple line in Fig. 2 ) follows a similar evolution to the one starting at 15 AU, but with two notable exceptions. After the planet has reached pebble isolation mass, it migrates inwards very rapidly to 3 AU, without growing too much. This fast inward migration is caused by the disc structure, where the region between 3 and 8 AU has a very shallow (and even inverted) radial temperature gradient , which causes a strong negative total torque acting on the planet driving fast inward migration. The planet is then in a region of very slow inward migration (just a bit too massive to be caught in the region of outward migration, Fig. 1 ), where it migrates very slowly and starts to rapidly accrete gas. During this accretion process, the planet migrates further into the inner regions of the disc. In fact, the planet migrates so fast that it reaches the inner edge of the disc at 0.1 AU, before the end of the lifetime of the disc is reached. (That is also why there is no big black circle in Fig. 2 for this planet.) As soon as the planet reaches 0.1 AU, we stop the simulation. The planet has become a hot gas giant.
If the planet starts in the very inner regions of the disc at 5 AU (red line in Fig. 2 ), its isolation mass is very low, because H/r is very small in the inner parts of the disc at an evolution stage of 2 Myr. It therefore accumulates only 2.5 Earth masses of solids. A low core mass then leads to a very long contraction time of the envelope (eq. 17), resulting in a total planet mass of only a few Earth masses when the disc reaches an age of 3 Myr. During the evolution, the planet is small enough to be caught at the zero-migration distance for most of its evolution, meaning that the planet follows the zero-migration distance as the disc accretes onto the star (see Fig. 1 ). This planet is also classified as an ice giant because it formed at r P > r ice (Fig. 1) .
We would like to point out here that definitions of planets in this work is only related to the planetary mass and the mass ratio between the planetary core and envelope. The final orbital distance only plays a role in the subcategories of planets, so that gas giants very close to the central star (r f < 0.1 AU) are called hot gas giants (Table 1) .
Variation in the initial orbital position
We can now expand Fig. 2 over the whole radial domain of the disc, but keep the initial time when we insert the planet fixed at t 0 = 2 Myr. At each orbital distance 3 AU < r 0 < 50 AU, a single planet is put into the disc and evolved independently. The nominal lifetime of the disc is 3 Myr, so the planets evolve for 1 Myr in the disc.
In Fig. 3 we present the final planetary core mass M c and envelope mass M env , as well as total planetary mass M tot with respect to the initial orbital position r 0 and the final orbital distance r f of planets that evolved in the disc for 1 Myr after insertion at t 0 = 2 Myr. Planets inside the grey area are within r f < 0.1 AU to the host star, and their evolution is stopped before 1 Myr of evolution is reached. The planetary masses and final positions are displayed as a function of their initial orbital distance r 0 , which illustrates what influence the initial orbital distance of the planet has on the final properties of the planet. For example, when looking at r 0 = 15 AU, the total planetary mass M tot and final orbital distance r f shown correspond to the location of the big black circle of the r 0 = 15 AU planet in Fig. 2 .
Planets forming outside of r 0 > 22 AU do not reach pebble isolation mass, because the pebble density in the outer disc is very low and growth time too long. But, these planets can still have a few Earth masses, making them ice giants by our definition, because M c > M env and M P > 2M E . However, planets starting with r 0 > 28 AU grow only very little, because of a small τ f and a larger scale height, which only allows planets to grow with the 3D accretion mechanism. These planets then have M P < 2M E and are ice planets instead.
Just inside (20 AU < r 0 < 22 AU), the planets have reached pebble isolation mass, but did not reach runaway gas accretion, because M c > M env , making these planets ice giants. Planets that form farther inside with 20 AU > r 0 > 13 AU become gas giants that stay in the outer disc with r f > 1 AU. This indicates that there is a very broad range of radial extent that allows for the formation of gas giants, because their cores still form quickly enough via pebble accretion that enough time is left to accrete a gaseous envelope before the disc dissipates. With increasing r 0 , the mass of the core increases, which is caused by the flaring structure of the disc at that evolutionary stage , which increases the pebble isolation mass (eq. 16).
Planets that form within r 0 < 13 AU and outside of 6 AU all end up within r f < 1 AU and are gas giants. The reason for their strong inward migration lies in the efficient growth of the Myr. The light blue line represents the initial orbital distance r 0 . Planets inside the grey area are subject to very strong migration, so they end up in the inner parts of the disc with r f < 0.1 AU and become hot gas giants. The divide between ice and gas giants can be seen easily at ∼ 22 AU, where M c < M env . All data lines for one r 0 location in this plot give the final result of an individual growth track as in Fig. 2. planetary core via pebbles. Because the core grows very quickly, the planets have a longer time to migrate faster compared than cores that grow more slowly, because the type-I migration speed is proportional to the planetary mass. The planets then accrete gas to become gas giants and open up a gap in the disc that slows their migration (type-II migration). However, planets that form in a region of 7 AU< r 0 < 10.5 AU grow too quickly and migrate too fast to stay outside of 0.1 AU, indicating that planets that form in this part of the disc will end up as hot gas giants. When these planets reach r < 0.1 AU, the total evolution of the planet is stopped, explaining the kink in the gas mass of planets inside the grey area in Fig. 3 .
Planets that form in the inner regions of the disc r 0 < 7 AU only grow a very small planetary core even though enough pebbles are available, because the pebble isolation mass is low. The low core mass then prevents a fast accretion of the envelope, so that a long time is needed for the contraction of the envelope. This prevents planets that formed with r 0 < 5 AU from accreting a massive gaseous envelope, and these planets stay with M c > M env , indicating that these planets are ice giants. These planets are also caught in a region of outward migration, letting them stay a few AU from the central star (Fig. 1) . The planets that are within 5 AU and 7 AU have a slightly more massive core, indicating a slightly faster contraction phase of the envelope, so these planets can rapidly accrete gas and thus form gas giants that have then outgrown the region of zero migration and migrate towards the star.
Our model predicts the formation of different types of planets by their initial formation location r 0 . Additionally, our model predicts that gas giant planets that have r f > 1 AU form in the outer regions of the disc (r 0 > 13 AU) and thus do not form in situ. This is a big contrast to the study of Cossou et al. (2014) , where the cores of giant planets are built locally at a few AU by the accretion of planetesimals and planetary embryos. When the planetary cores then become massive enough, they can be caught in a region of outward migration ( Fig. 1) and then accrete gas to form a gas giant. However, Cossou et al. (2014) did not include gas accretion and therefore did not observe the inward migration of giant planets in type-II migration, which can bring them very close to the host star, especially when they form just a few AU away from it. In our study we overcome this problem because pebble accretion is very efficient in the outer disc and thus allows the formation of planets at large orbital distances, which allows them to stay far away from the host star even after their inward migration.
Variation in the initial time and position
We now expand Fig. 3 in the dimension of initial time t 0 when we place the planetary seed inside the disc. We start planets in our disc from t 0 = 100 kyr up to the end of the disc's lifetime of t D = 3 Myr, as well as with 3 AU< r 0 < 50 AU. Figure 4 presents the final planetary mass as a function of initial radius r 0 and initial time t 0 . Each point in this figure corresponds to the final mass of a growth simulation as in Fig. 2 . All line cuts for a fixed initial time t 0 with all 3 AU< r 0 < 50 AU correspond to a plot similar to Fig. 3 . In particular, Fig. 3 represents a cut at t 0 = 2 Myr of Fig. 4 .
In Fig. 4 the region r 0 and formation time t 0 in combination with the final orbital distance r f can be interpreted as a map for the formation of different types of planets. Within r f < 0.1 AU, we find hot gas giants. A late formation time t 0 prolongs the formation time of the core, because fewer pebbles are available, and reduces the mass of the core at pebble isolation, because H/r drops in time. This means that the planet spends more time contracting its envelope, meaning that it can not accrete as much gas. Moreover, the late formation time reduces the time the planet migrates inwards in the disc, letting it stay farther out in the disc.
In the band of 0.1au< r f < 15.0 AU, we find warm and cold gas giant planets. The formation of these planets can also occur very easily until t 0 ≈ 2 Myr, because the pebble accretion rate is high even when the planets form at a large r 0 . This formation can then compensate for inward type-I migration through the first phases of gas accretion before the planets open up a gap in the disc and transitions into slow type-II migration. It also provides enough time to accrete a massive gaseous envelope after the long contraction phase.
The planets around t 0 ≈ 1 Myr and r 0 ≈ 10 AU start in the flaring part of the disc, meaning that they have a have higher pebble isolation mass than the planets with smaller r 0 , so they can accrete their envelope faster and become more massive. At the same time, these planets are too massive to spend time in the region of outward migration, because they are already too massive when they reach this region (Fig. 1) , which results in a continuous inward migration of these planets. They therefore reach 0.1 AU before they become more massive than ∼ 300 Earth masses.
Forming at a later time or an even larger r 0 results in smaller gas giants that are more in the mass regime of Saturn. Saturnmass planets form in a distinct band below the white line in Fig. 4 , where everything below the white line has M c < M env , and runaway gas accretion has set in. All planets between the blue and the white lines in Fig. 4 have reached their pebble isolation mass and started to contract their envelope, but have M c > M env . In the inner disc these planets are only a few Earth masses and qualify as ice giants (light blue background colour in Fig. 4 between the blue and white lines), while in the outer disc the planets become more massive (M P > 10M E ) and are larger ice giants. The implications of our model regarding the formation of the ice giants in our own solar system are discussed in more detail in section 5. In the late stages of the disc (t > 2 Myr), the region of outward migration is located at ∼ 3 AU and can hold planets of up to a few Earth masses (Fig. 1) . This means that ice giants stop their inward migration there, explaining the pile-up of ice giants in this region of parameter space.
We want to note that Fig. 4 does not give a percentage of what kind of planets should exist around other stars. Figure 4 instead shows what kind of planet would form if an initial seed planetesimal with M trans (eq. 5) was placed in the disc at r 0 and t 0 for a disc that lives, in total 3 Myr, around a solar type star. We can learn from Fig. 4 that gas giants are more abundant if an early formation scenario is invoked and that hot gas giants have to form early and fairly close to the central star, while cold gas giants can form at later times and further out in the disc. In situ formation of gas giants is not possible. For later formation times (t 0 > 2 Myr), the final mass of the planet becomes lower, because the isolation mass becomes lower as H/r drops, resulting in smaller planetary cores. A smaller planetary core then prolongs the contraction time of the gaseous envelope, allowing the formation of planets that have M c > M env at 2 Myr, because the planets have a shorter total evolution time. Considering that the most common observed exoplanets are small (M P < 10M E ), a later formation time for planets is favoured by our planet formation scenario.
These results emphasise the importance of an evolving disc structure that is not a simple power law. We discuss planet formation via pebble accretion in the MMSN in Appendix C, where we show that the formation of different planetary types is dramatically different when adopting too simplistic a disc model.
Influence of pebble surface density
The metallicity in pebbles Z has a strong influence on the outcome of planetary systems . A higher metallicity in pebbles will allow for faster growth of the planetary core, resulting in a larger core. However, the pebble isolation mass (eq. 16) reduces in time as the disc evolves and planets form, keeping the final core mass from being twice as high for discs with twice the metallicity in pebbles. Lower metallicity in pebbles slows down the growth of the core of the planet, resulting in lower core mass, because the isolation mass drops in time owing to H/r decreasing in the longer time that is needed to build the core. This change in the mass of the core will then influence the gas accretion onto the planet, because a larger planetary core can contract its envelope in a shorter time than a smaller planetary core. The mass of the cores of these planets in a Z = 1.5% disc is ∼ 20 − 30M E , which is about a factor of three to four too low to explain the amount in heavy elements for Corot-13 b, 14 b, 17 b, and 23 b, which have solid cores of around 100M E (Moutou et al. 2013 ).
In Fig. 5 we display the final planetary masses for Z = 0.5% (top, half the nominal metallicity in pebbles) and for Z = 1.5% (bottom, 3/2 times the nominal metallicity in pebbles). In gen- eral, we still find the same planetary classes in the r 0 − t 0 plane, but its distribution is different.
In the low-metallicity case, the maximum t 0 for forming a gas giant planet is reduced compared to the Z = 1.0% case, so that for t 0 > 2 Myr, no gas giants can form any more. The region of parameter space that results in hot gas giants (r f < 0.1 AU) extends to larger r 0 for a given t 0 . This is caused by the fact that the planets in a disc with Z = 0.5% have smaller planetary cores, which results in a longer contraction time for the envelope. The planet therefore spends a longer time in the fast inward type-I migration regime, before it grows big enough via gas accretion to open a gap in the disc, which in total results in a smaller r f . This is another indication that 2 Myr is a reasonable seed formation time, because otherwise we observe more hot gas giants around lower metallicity stars.
This effect not only influences the parameter space that harbours hot gas giants, but it also influences all the parameter space where gas giants are formed. As a result, the region of parameter space with gas giants with 0.1 AU < r f < 5 AU is much smaller in the Z = 0.5% case than in the Z = 1.0% case, indicating that the gas giants should be rarer in discs with lower metallicity. Likewise, the region of parameter space for forming ice giants is slightly enlarged in the Z = 0.5% case, consistent with observations (Buchhave et al. 2014) .
In the case with higher metallicity, Z = 1.5%, the parameter space for gas giants with r f < 0.1 AU is a bit smaller than in the Z = 1.0% case. Higher metallicity helps to keep planets outside of 0.1 AU because the formation time of the core is shorter and the core is larger, also making the phase of envelope contraction shorter, which in turn allows rapid gas accretion at an earlier stage. This then results in a planet being able to open a gap soon and migrate slower in type-II migration speed, allowing for larger r f in the end. Along with that, the more massive planets slow down their type-II migration rate because of the feedback with the disc (Eq. 22). However, for later initial times t 0 > 1 Myr, this effect does not matter that much compared to the Z = 1.0% disc, because the planets do not reach such high masses that the reduction of the type-II migration speed plays that much of a role. Another aspect is that the formation of gas giants is now possible up to t 0 = 2.5 Myr at nearly all initial orbital distances r 0 , except for the inner regions of the disc.
On the other hand, the high metallicity in pebbles reduces the r 0 −t 0 parameter space for the formation of ice giants slightly compared to simulations with low Z. A higher pebble accretion rate allows for efficient formation of planetary cores, even at late stages (high t 0 ) of the disc evolution, resulting in a more massive core than in the Z = 1.0% case, in turn allowing for a faster contraction of the envelope and thus M c < M env . The higher metallicity in pebbles then also allows for the formation of ice giants far out at late times in the disc, which was not that easy compared to the Z = 1.0% case.
Generally, the higher metallicity significantly broadens the parameter space that allows for forming gas giants. A high pebble accretion rate is required to form massive gas giants (M P > M Jup ) that stay far outside in the disc (r f > 10 AU), which do not exist in the lower metallicity simulation.
Observations also indicate that stars with higher metallicity host more giant planets in close orbits (Santos et al. 2004; Fischer & Valenti 2005) , which is confirmed by our results, where the formation of gas giants is possible in a wider range in the r 0 − t 0 parameter space for high Z. If planet formation starts late (large t 0 ), higher metallicity helps to form giant planets at late stages. Additionally, Marcy et al. (2014) and Buchhave et al. (2014) find that smaller planets (R P < 4R E ) are slightly more common around stars with solar metallicity, which is reproduced by our lower metallicities simulations, where the formation of small planets in the r 0 − t 0 parameter space is enhanced (top in Fig. 5 ) compared to the high Z simulations.
Even with changing metallicities in pebbles that allow for faster or slower growth of the core, gas giants are not able to form in situ, because of their strong migration. On the other hand, the formation of ice giants results in much less migration through the disc, so these planets can form in situ, but they have to form at late stages, because otherwise they would continue to grow to become gas giants.
Amount of micrometre-sized dust in the disc
The thermodynamic structure of the disc is determined through micrometre-sized dust grains. However, during the lifetime of the disc, the amount of micrometre-sized dust can change, for example because of grain growth. Larger grains do not contribute to the opacity, so that the smaller number of dust grains in the disc results in a colder disc, because cooling is increased . This results in a smaller aspect ratio of the disc, which reduces the pebble scale height (eq. 4) and allows an earlier transition from 3D to 2D pebble accretion. Additionally, a smaller aspect ratio results in a larger τ f , making the transition to 2D pebble accretion even smaller. Therefore planets in discs with a smaller amount of micrometre-sized dust grains can grow faster. However, a smaller aspect ratio of the disc reduces The plot features a metallicity of Z = 1.0% in pebbles and an amount of Z dust = 0.1% in micrometer sized dust grains, which is a factor of 5 smaller than in Fig. 4 . The different lines inside the plots have the same meaning as in Fig. 4 . A lower amount of dust grains results in a colder disc, which reduces the pebble isolation mass in the inner disc and therefore increases the parameter space that allows for the formation of ice giants compared to Fig. 4 . In the outer disc, formation of larger bodies is easier compared to Fig. 4 , because of the larger pebble size and smaller pebble scale height H peb in the outer disc.
the pebble isolation mass (eq. 16) resulting the outcome of the systems.
We now discuss simulations with an amount of micrometresized dust of Z dust = 0.1%, which is five times smaller than in our nominal model (see Fig. 4 ). All other parameters are the same as in our nominal model. Figure 6 shows a much larger parameter space in the inner parts of the disc that harbours ice giants than in the Z dust = 0.5% model. This is caused by the smaller aspect ratio in the inner disc, which resulted from the increased cooling . This smaller aspect ratio results in a lower pebble isolation mass causing a longer contraction time of the gaseous envelope, which hinders the planets from reaching the runaway gas accretion stage.
Changing the disc structure also influences the migration of embedded planets. In Fig. 4 the region harbouring ice giants at ∼ 3 AU is caused by a region of outward migration, which can contain planets of up to ∼ 8 M E (Fig. 1) . However, in a disc with decreased Z dust the region of outward migration can only contain planets of up to ∼ 3.5 M E . The size of the cores in this region is only ∼ 2.5 M E owing to the low pebble isolation mass. The cores therefore need to contract a gaseous envelope of ∼ 2.5 M E before they can undergo rapid gas accretion, which takes a very long time. This means that the planets can outgrow the region of outward migration, because they become too massive, while they still undergo a contraction phase of the envelope. They therefore migrate to the inner system as ice giants, making the formation of ice giants in the inner system (r f < 1.0 AU) possible, in contrast to the Z dust = 0.5% model. This is crucial because most exoplanets that have been observed have a few Earth masses and orbit very close to the central star (Fressin et al. 2013 ). This area of parameter space can easily be populated in the case of low Z dust , which corresponds to cold protoplanetary discs.
In the outer parts of the disc, planet growth seems to be more efficient than in the Z dust = 0.5% model for two main reasons. The increased cooling results in a smaller aspect ratio in the outer parts of the disc, which increases the size of the pebbles (Eq. 3).
Additionally, a larger pebble size reduces the scale height of the pebbles H peb . Both effects reduce the planetary mass needed to transition into the 2D pebble accretion branch (eq. 10), resulting in a faster growth rate compared to Z dust = 0.5%. This allows the efficient formation of gas giants in the outer disc, which then migrate into the inner disc. However, these planets will then only have a smaller planetary core than in the Z dust = 0.5% model, because the pebble isolation mass reduces as well with decreasing aspect ratio (eq. 16).
A larger amount of micrometre-sized dust does not influence the outcome of our simulations significantly, because the changes in the disc structure are not as pronounced as for lower metallicities .
Planet formation via planetesimal accretion
In classic models of planet formation, planets grow via the accretion of planetesimals. The isolation mass for planetesimal accretion is different than when accreting pebbles. It is given by (Kokubo & Ida 2002; Raymond et al. 2014 )
where b is the orbital separation of the growing embryos, which we set to 10R H . Here, Σ pla is the surface density in planetesimals, and s pla the negative gradient of the surface density in planetesimals. The accretion rate by planetesimal accretion is changed compared to pebble accretion. In , the accretion rate for planetesimal is given bẏ
where Ψ is a reduction factor to the normal pebble accretion rate. It is given by 
The general assumption of simulations with planetesimal accretion is that all solids in the disc are turned into planetesimals at the start of the simulation. We do the same here and point out that the surface density in planetesimals is Σ peb = ZΣ g , where we set Z = 8.0%, which is eight times higher than for the accretion with pebbles, and about eight times higher than the assumed metallicity of 1% in the MMSN. With Z = 1.0% planetesimal accretion is too slow, and no planets with M p > 1M E are formed at all. Along with that, we keep the surface density of planetesimals constant through the evolution time of the disc, because planetesimals are safe from drifting through the disc by gas drag. This also means that we keep the initial gradients in the surface density of planetesimals that follow the initial gradients of the gas surface density Σ g . When the simulation starts at a later initial time t 0 , we use a planetesimal surface density and gradient that follows Σ g at that time t 0 . When the planets reach their planetesimal isolation mass, they first have to undergo a contraction of the envelope before runaway gas accretion can start. However, Final masses of planets forming by planetesimal accretion as a function of initial radius r 0 and initial time t 0 in the disc for Z = 8.0% in planetesimals. The green line is the pebble production line, where we assume that a production of pebbles is needed to first form the planetesimals, so every point beneath the yellow line should not be taken into account. The red line now indicates the planetesimal isolation mass (eq. 26), so everything below it has reached planetesimal isolation mass. Everything above the white line has M c < M env . The top plot shows the full r 0 -t 0 parameter space, while the bottom plot is zoom into the inner r 0 -t 0 parameter space to enhance the interesting parts of the diagram.
since the time scale of forming cores with planetesimals is very long, we extend the disc's lifetime to 5 Myr to extend the time for gas accretion. This is also because a disc lifetime of 3 Myr did not produce any gas giants whatsoever.
In Fig. 7 we display the final planetary masses for simulations where the planetary cores grow by the accretion of planetesimals with a metallicity of planetesimals of Z = 8.0%. The growth of planets, even with eight times higher metallicity is very slow, and only those planets that start to form early (small t 0 ) and in the inner regions of the disc (small r 0 ) reach planetesimal isolation mass. However, the planets that reach planetesimal isolation mass are very small and take a very long time to contract their envelope, which means they will migrate for a very long time in type-I migration. But the planets are indeed small enough, and in the inner regions of the disc these planets can get trapped in the zero-migration zones (Fig. 1,) allowing them to stay at a few AU from their host star before runaway gas accretion sets in. The planets then outgrow the region of outward migration and move towards the inner disc. In the end most of these planets are not massive enough to open up a gap in the disc, and they migrate inwards very fast. In fact, in this simulation none of the planets reach a mass that is comparable to Jupiter's. Additionally, these simulations fail to produce planets with M P > 10M E outside of 8 AU.
With just the accretion of planetesimals it is very hard to form the cores of gas giants that stay out at ∼ 5 AU, as does Jupiter in our own solar system. However, if multiple planetary embryos were present in the disc, these could collide and form bigger objects and eventually the cores of giant planets at these orbital distances (Cossou et al. 2014) . With single embryos that accrete the planetesimals, effective growth to reach the stages of giant planets is not possible at all.
The reason we do not produce giant planets at a few AU in contrast to population synthesis models lies in their simpler disc model. The population synthesis models use a steeper gradient in planetesimal surface density, allowing for more planetesimals in the inner parts of the disc (Ida & Lin 2008) . A higher density of planetesimals then results in a faster growth rate of the cores, which also allows for a faster contraction of the gaseous envelope, giving the planet more time to reach the runaway gas accretion stage. Still, formation of gas giants in orbits beyond 5 AU would not be possible, even under these generous conditions.
Formation of the solar system
We now focus on the formation of the giant planets in our solar system, where we follow two different approaches. We first want to reproduce the planetary configuration at the start of the Nice model (Tsiganis et al. 2005) , and in a second attempt we want to reproduce the giant planet configuration at the beginning of the Grand Tack scenario (Walsh et al. 2011 ), where we end our simulations just before the two gas giant planets start their outward migration in resonance. We stick here to our usual assumption of a metallicity of 1.0% in pebbles that can be accreted onto the planet.
When multiple planets form in the disc, the outermost pebble accreting planet will reduce the flux of pebbles seen by the inner planets by the amount that it accretes. However, this reduction of the pebble accretion stream is not significant when just considering four bodies ).
Nice model
The Nice model aims to explain the bombardment history of the inner solar system, roughly 1 Gyr after the formation of the system (Tsiganis et al. 2005 ). In this model, the four giant planets in the system start in compact orbits after the gas disc dispersed, where Jupiter and Saturn are in a 3:2 resonance, and outside the ice giants is a belt of planetesimals containing roughly 30 Earth masses. The system then becomes unstable, because of the constant scattering of planetesimals on the planets. This instability leads to an inward motion of Jupiter, while the other planets move outwards. In about 50% of the simulations, Neptune and Uranus switch places (Tsiganis et al. 2005) .
We now aim to reproduce the masses and planetary orbits of the four giant planets in the solar system using our disc evolution and pebble accretion model. We keep the total disc lifetime at 3 Myr, but also allow different formation times for the planetary seeds of the giant planets. The results are shown in Fig. 8 , which shows the final evolution of the system at t D = 3 My. The starting times of the planetary seeds differ between the planets. The final planetary masses and orbits needed for the starting configuration of the Nice model are reproduced quite well. Fig. 8 . Evolution of the total planetary masses as a function of orbital distance for a proto-solar system with the giant planets ending up in a configuration similar to the initial conditions of the Nice model. Jupiter starts at t 0 = 1.65 Myr, Saturn at t 0 = 1.77 Myr, and Neptune and Uranus both at t 0 = 1.81 Myr. The big black circles label a total disc evolution time of 3.0 Myr, while the small black dots indicate 2.0, 2.2, 2.4, 2.6, and 2.8 Myr. We display Neptune inside of Uranus here, since they often switch places during the Nice model (Tsiganis et al. 2005) . We used Z dust = 0.5% and a metallicity of pebbles of Z = 1.0% as in our nominal disc model.
The formation of a gas giant is easy in the framework of the evolving disc and pebble accretion. However, the formation of the two gas giants of the solar system is more somewhat trickier, because in the final configuration, they differ by a factor of 3 in mass, but are only 3 AU apart from each other. The reproduction of this exact configuration is challenging because either Jupiter is slightly too small or Saturn is too big. This is a consequence of the interplay between pebble accretion, planet migration, gas envelope contraction, and runaway gas accretion. In the simulation shown here, our Jupiter analogue is only ∼ 230 Earth masses. This difference compared to the real Jupiter can be caused by the slight uncertainties in our model, for example in the contraction of the gaseous envelope (see Appendix B). Even though there is a time difference between the formation of Jupiter and Saturn, their orbits also start very close to each other, which might result in some minor interactions between the planets that is not taken into account here. Nevertheless, the reproduction of Jupiter's and Saturn's masses and orbital distances is remarkably good.
The formation of the ice giants that are in the mass range of Uranus and Neptune with a very low gas content is difficult because a larger core can attract gas more easily (eq. 17), so the planet can very easily grow to become a gas giant. This limits the parameter space in r 0 -t 0 that hosts ice giants with low gas content in the mass range of Uranus and Neptune at final orbital distances of 15-20 AU (Fig. 4) . However, in a recent study, Izidoro et al. (2015) have found that the formation of Uranus and Neptune by a series of giant impacts of planetary embryos of a few Earth masses outside of Saturns' orbit is possible. These planetary embryos can easily be formed by seeds growing with pebble accretion. When taking also the possibility of giant impacts into account, the formation of ice giants like in our solar system seems very likely, especially at late formation times. Full-grown ice giants and the planetary embryos can form in orbital distances of 20 AU to 30 AU at 2 Myr (Fig. 3) . The region where ice giants can form in the r 0 -t 0 parameter space is also indicated in Fig. 10 . It is a vast region in the parameter space.
We also checked that a change in Z dust influences our results when reproducing the initial configurations of the Nice model, but found no such dependency. Reproducing the exact configuration of the solar system is very sensitive to the initial orbital distance and formation times of the planetary seeds, since those parameters determine the final planetary mass and orbital distance. The general outcome of having two gas giants, and outside of them, two ice giants can be reproduced very easily.
The orbital configuration of the solar system in the present day is different from the initial conditions of the Nice model. The ice giants are now much farther away from the Sun than in the initial configuration of the Nice model. In particular, Neptune is located 30 AU from the Sun. Forming a Neptune-sized body with r f = 30 AU in our planet growth scheme is possible, but the planetary seed would then have to start deep within the Kuiper belt at ∼ 45 AU and with an early formation time t 0 ≈ 670 kyr. When the planetary seed reaches 40 AU, it has already grown to several Earth masses, which would have disrupted the Kuiper belt. This supports the Nice model concept of forming the giant planets in a close resonant configuration, because it leaves the Kuiper belt untouched.
Grand Tack scenario
The Grand Tack scenario (Walsh et al. 2011 ) describes a scenario where Jupiter and Saturn migrate into the inner solar system (Jupiter down to ∼ 1.5 AU) and then migrate outwards in resonance again. This outward migration of gap-opening planets in resonance was originally discovered by Masset & Snellgrove (2001) , but is applied to the solar system here. The appealing effect of the Grand Tack scenario is that the masses and orbital distances of the terrestrial planets, especially Earth and Mars, can easily be reproduced, as can the features of the asteroid belt (Walsh et al. 2011 ). Here we now want to reproduce the masses and orbital distance of Jupiter and Saturn before both planets begin their outward migration in resonance.
Because we only model single planets in the disc, we try to arrive at a configuration that would allow for the outward motion of the giant planets in the gas disc in resonance. Additionally, because the outward migration happens in a gas disc, the planets will still accrete gas during this outward motion. We therefore aim to have a Jupiter analogue with ∼ 200 M E and a Saturn analogue with ∼ 70 M E . This is much smaller than their current mass, but during their outward migration in the gas disc, Jupiter and Saturn can still accrete gas and reach their final mass. We also aim for stranding the planets roughly in a mutual resonance, where we put Jupiter at ∼ 2 AU. We try to put Saturn's orbit somewhere between the 2:1 and 3:2 resonance with Jupiter, because both resonances allow outward migration in discs with small H/r ), as we have here. We also assume that when the disc reaches 3 Myr of lifetime, the disc will still live long enough to allow the giant planets to migrate outwards and accrete the rest of their mass. Figure 9 shows the r 0 -t 0 parameter space of interest for the formation of Jupiter and Saturn with the above-mentioned characteristics in a disc with Z dust = 0.1%. The initial r 0 of Jupiter and Saturn is quite close to each other, but they are separated in t 0 by nearly 200 kyr. During this time, Jupiter's core grows to a few tenths of an Earth mass and migrates only a minimum distance through the disc. However, before the mass of Jupiter becomes massive enough to disturb the orbit of Saturn's seeds, it migrate a few AU from its initial position.
In the Grand Tack scenario proposed by Walsh et al. (2011) explained by type-III migration. However, our Jupiter and Saturn seeds are both placed in a region of parameter space that is subject to type-III migration (see appendix E). This indicates that Jupiter must stop its inward type-III migration and transition into type-II migration, so that Saturn catches up. However, this process is not investigated in full. Likewise, the outward migration of Jupiter and Saturn in resonance is thought to end when the aspect ratio of the disc increases (Masset & Snellgrove 2001) . However discs with low numbers of dust grains at the late evolutionary stages have low aspect ratios to greater distances than Saturns current orbit . However, the formation of Jupiter and Saturn for the configuration of the Grand Tack scenario is only possible in discs with a small number of dust particles. We did not find not find any allowed parameter-combination in r 0 − t 0 space for discs with large amounts of micrometre-sized dust (Z dust > 0.3%) that would allow for the starting configuration of the Grand Tack scenario within our assumptions above. Given the uncertainties in our model (e.g. gas envelope contraction), more investigations are certainly needed to reproduce the initial configuration of the giant planets in the Grand Tack scenario.
Discussion

Evolution and lifetime of the disc
The evolution of the disc is coupled to the accretion rate, where we follow the observations of Hartmann et al. (1998) . We make the assumption that when the accretion rate is very low,Ṁ < 2 × 10 −9 M ⊙ /yr, photoevaporation clears the disc very rapidly (Alexander et al. 2014 ), and we end our simulation at that stage. This results in a lifetime of 3 Myr. If the disc evolution continues toṀ = 1 × 10 −9 M ⊙ /yr, the lifetime would be 5 Myr. This additional lifetime of 2 Myr influences the results because in the late stages of the disc, the disc mass is low so the pebble accretion rate onto the planet is low as well. The planets therefore no longer grow efficiently, but at the same time the planets can migrate significantly in the disc, because migration is mostly inwards at that stage of the disc's lifetime. Combined with the long time scale of 5 Myr, planets can only stay outside of 0.1 AU if they form late (after ∼ 2.5 Myr) and far outside in the disc. In the study by Mamajek (2009) only ∼ 30% of all stars are found to still harbour protoplanetary discs after 2.5 Myr, so our disc lifetime of 3 Myr might be even on the longer side. Different disc lifetimes are discussed in more detail in Appendix A.
The evolution and formation of planets inside the disc depends crucially on the disc structure and its evolution. If the disc can sustain higherṀ rates for a longer time, planet formation is significantly different, because the accretion rates will be higher and the disc might entertain regions of outward migration for higher planetary masses for a longer time, allowing more planets to stay farther out in the disc. Improved observational constraints on the lifetimes of protoplanetary discs would therefore be very useful for understanding planet formation better.
Inner disc
We stop the inward migration when the planet reaches r f < 0.1 AU, which is the inner edge of the disc. We then stop the whole evolution of the planet at that point, because tidal effects so close to the star can become important, which we do not consider here.
In additional, planetary growth that close to the central star might work differently; for example, the pebbles that can be accreted from planets that are at r P < r ice are significantly smaller than for r P > r ice . Silicate particles will bounce off each other instead of growing (Zsom et al. 2010) , keeping the particles small. We also stop the growth of the planet, because gas accretion in the inner hot parts of the disc might work completely differently from gas accretion in the outer colder parts of the disc, because the surrounding gas temperature is higher, making cooling less efficient, thereby prolonging the contraction phase of the envelope. The final mass of the planets inside the parameter space r 0 and t 0 , which allows for r f < 0.1, is therefore not 100% accurate, but orbital evolution is taken into account self-consistently until the planets reach 0.1 AU.
An additional challenge emerges when looking at results from N-body simulations, where the inner edge of the disc acts as a halting zone for inward migration. In Cossou et al. (2014) the inner edge acts as small zone of outward migration that stops planets. These planets can then act as a buffer zone for other embryos migrating into the inner disc and allow pile-ups in resonances. The planets trapped in resonance can grow more and become bigger planets farther out in the disc. Also, in our simulations, only gas giants migrate to sub-AU orbits, while smaller ice giants remain around their birth locations.
Convergence zones
In the inner regions of the disc, where H/r drops with radius, zones of outward migration exist. In the early stages of the disc evolution, these zones of outward migration are several AU wide and can harbour planets from 5 to 40 Earth masses. However, as the disc accretes in time, the regions of outward migration shrink and can only contain planets with lower mass (see Fig. 1 ). At an age of ∼ 1 Myr the regions of outward migration exist only in the inner few AU and for planets with M P < 10 M E .
This implies that planets that form early in the disc will outgrow the regions of outward migration owing to gas accretion and migrate to the inner disc. In the early stages of the disc evolu-A&A proofs: manuscript no. Planetgrowth tion, the region of outward migration allows the planets to grow to several tens of Earth masses before they migrate to the inner disc, but it does not prevent the planets from migrating to the inner disc. It just delays their inward motion.
In the late stages of the disc evolution, in combination with the slow gas accretion due to the long contraction time of the envelope, however, the region of outward migration is crucial. Late-forming planets (t 0 > 2 Myr) in the inner disc have only a very small core, because the pebble isolation mass is low (∼ 3M E ). Therefore the contraction of the envelope takes a long time (eq. 17), which hinders the planet from outgrowing the region of outward migration and lets it stay at a few AU from the central star. These planets in the inner disc then classify as ice giants, because they are just a few Earth masses, their core mass is higher than their envelope mass, and they form at r P > r ice .
Additionally, the in situ formation of giant planets is not possible when we take migration into account. Even planets that have a final orbital distance of a few AU have most likely not formed there, but migrated inwards from even farther out (see Fig. 4 ). Smaller planets, on the other hand, can form in situ, but only in orbits beyond 1 AU.
In the planets form in an inside-out fashion, where planets closer to the star form before planets farther out, when the seed cores from around the same time in the disc. However, inside ten AU, this simple mechanism breaks down in our model. Time-evolving discs including convergence zones for migrating planets do not allow such a simple picture any more (see Figs. 1 and 4) .
Formation of the solar system
The formation of the exact configuration of our own solar system is relatively straightforward. The formation of the cores of the giant planets can easily be explained with pebble accretion , however reproducing the exact planetary masses and orbital distances requires some fine-tuning of the model. The two main problems are (i) that there are unknown opacities in the planetary atmosphere when the gaseous envelope contracts, which changes the time scale of gas envelope contraction; and (ii) that we were just considering single planets in the disc, meaning that we do not consider giant impacts for the formation of the cores. A study by Izidoro et al. (2015) explains the formation of Uranus and Neptune through the accretion of planetary embryos of a few Earth masses, which can be formed easily by pebble accretion. Taking this growth mechanism into account makes the formation of the ice giants of our solar system even easier.
Reproducing the initial conditions for the Grand Tack scenario (Walsh et al. 2011 ) is more difficult because only discs with a low amount of dust particles (low Z dust ) allow reproduction of initial conditions that can lead to the Grand Tack scenario. The problem faced is the necessarily big mass difference between Jupiter and Saturn even though they are quite close in their orbital separation at the beginning of their combined outward migration. During their outward migration, Jupiter and Saturn can still accrete gas, which would allow them to grow, but making it very hard to constrain their initial mass at the start of their outward migration. This scenario should be investigated in more detail with simulations that feature multiple cores.
The formation of the orbital configuration needed for the late instability in the Nice model (Tsiganis et al. 2005) can be reproduced quite well within our simulations, where the amount of dust particles for the disc structure does not play an important role. The reproduction of the Nice model configuration is easier because larger orbital distances between the giant planets are needed than in the Grand Tack scenario, which allows the mass ratio between the giant planets to be reproduced. This is much harder in the Grand Tack scenario (Fig. 9) . The orbital distances of the giant planets are matched for our Nice model configuration, while only the mass of Jupiter is slightly off (see Fig. 8 ). Our model is therefore very successful in reproducing the configuration of the giant planets in our solar system.
Formation of Jupiter
The atmosphere of Jupiter is enriched in noble gases compared to the solar values (Owen et al. 1999) , which led to the conclusion that the planetesimals accreted by Jupiter formed in the cold regions of the disc (Owen et al. 1999) . In this scenario the formation of Jupiter's core starts at 5 AU, and planetesimals from the cold region of the solar system are accreted in order to provide the enrichments in noble gases. Guillot & Hueso (2006) proposed that the accretion of Jupiter's noble gases occurs at a late stage of the disc evolution, probably during the times when photoevaporation of the disc already has started because the temperature is low and noble gases can condense out.
However, our Jupiter analogue (Fig. 8) starts to form at 20 AU and reaches pebble isolation mass when it has migrated down to ∼ 17 AU. Since the formation starts at t 0 = 2 Myr, the surrounding disc temperature in that region is already very cold (T ≈ 30K), which allows for the condensation of ices that engulf noble gases and which then would form the core of Jupiter. Moreover, the accretion of gas onto the core also happens in the cold regions of the disc, which could further explain the enrichment of noble gases in Jupiter's atmosphere. Our model implies a late formation of Jupiter at a large distance and therefore would naturally explain the enrichment of noble gases in Jupiter's atmosphere.
Our model therefore also predicts a noble gas enrichment in Saturns atmosphere, because Saturn forms in the cold parts of the disc. Unfortunately, the noble gas enrichment of Saturn's atmosphere is unknown at the moment.
Formation of hot gas giants
The formation of hot gas giants close to the central star can happen through two formation channels. Either by inward migration (Lin et al. 1996; Ward 1997; Masset & Papaloizou 2003) or by scattering events (Rasio & Ford 1996; Marzari & Weidenschilling 2002) . Inward migration of gas giants through type-II or type-III is reasonable possibility in our formation scenario, because the migration rates are very strong (Fig. 4) . However, when comparing the simulations with Z = 1.0% and Z = 1.5% in pebbles, it seems that the amount of parameter space needed to form gas giants with r f < 0.1 AU is slightly smaller in the Z = 1.5% case. This effect is caused by the faster growth rate of planets, making the planets in the Z = 1.5% disc more massive than in the Z = 1.0% case, which then results in a reduced type-II migration rate because the planets become so big that they slow down their inward migration (eq. 22). However, this difference in r 0 -t 0 parameter space might be a bit deluded by type-III migration, which acts on more planets in the high Z case (see appendix E), which in turn might lead to more planets reaching r f < 0.1 AU in the high Z case.
Scattering events are also used to explain the distribution of hot gas giants, especially for hot gas giants with high eccentric-ity (Marzari & Weidenschilling 2002; Davies et al. 2014) . These scattering events can be caused by other giant planets far out in the system. This clearly favours the high Z case, because the formation of giant planets at large orbits (up to 30 AU) is possible easily until the disc has reached an age of ∼ 2.0 Myr (Fig. 5) , while for the lower Z cases it is hard to form giant planets even up to ∼ 15 AU (Fig. 4) . The larger formation probability of gas giants at greater distances makes the scattering hypothesis more probable, because there can simply be more giant planets available that can be scattered to the inner system to form a hot gas giant.
The combination of those two possibilities (disc migration and scattering) supports observations that hot gas giants are found around host stars with higher metallicity (Santos et al. 2004; Fischer & Valenti 2005) . Many hot gas giants have a large content of heavy elements (Moutou et al. 2013) , which can be explained by scattering events of planets that formed far out in the disc, because the core mass in the outer disc is higher owing to the higher pebble isolation mass.
Planetesimal accretion
The accretion of planetesimals can be slower than the lifetime of the disc (Pollack et al. 1996; Rafikov 2004; Levison et al. 2010) , even when considering an increased amount of solids inside the disc. We confirm these results (Fig. 7) and show that pebble accretion is much more efficient, even at the lower metallicity of pebbles than for planetesimals (Fig. 4) . In our nominal disc that has 0.5% of metallicity in micrometre-sized dust and 1.0% of metallicity in pebbles to form the planets, we are able to form a solar system analogue, which is not possible with planetesimals.
Planetesimal accretion with a metallicity of 8.0% in planetesimals is only able to explain the formation of gas giants in the inner regions of the disc (r f < 1 AU), if along with the high metallicity, the lifetime is prolonged to at least 4 Myr. This is another limitation, because at that age photoevaporation might clear the disc efficiently. Observations by Mamajek (2009) also indicate that only ∼ 30% of all stars still harbour protoplanetary discs after an age of 2.5 Myr. In our simulations with planetesimal accretion, we are not able to form a Jupiter planet at 5 AU, in contrast to Pollack et al. (1996) , because the isolation mass is lower there. This in turn leads to a longer contraction time for the envelope to prevent the accretion of gas, because our protoplanetary disc models are much colder than the MMSN. Additionally, we included the migration of planets, which leads to inward migration of planets, so that it is not possible to form a Jupiter analogue at 5 AU as in Pollack et al. (1996) .
In addition, planetesimal accretion is not able to form the cores of the ice giants in the outer system. Even with an enhancement of the planetesimal density by a factor eight, planetesimal accretion alone can therefore not explain the formation of the solar system.
Ice planets
Our simulations predict a new class of planets, the so-called ice planets. They have a more massive core than envelope, but only reach a few Earth masses, so they do not qualify as ice giants. We also call them ice planets because they form outside the snow line (r p > r ice ), meaning they mostly consist of ices and some gas, so they should have a lower density than rocky planets. These ice planets can be formed in the late stages of the disc evolution (t 0 > 2 Myr) in the outer regions of the disc. In these parts of the disc, the planets do not reach pebble isolation mass, because there is not enough material available at the late stages of the disc evolution, hindering growth. If formation of planets takes place generally at later stages in the disc evolution, and if the disc can still provide pebbles at these late stages, ice planets should be very common and be detectable by observations at large distances around their host stars. These type of planets are not predicted, however, and are not seen by population synthesis studies (Dittkrist et al. 2014) , because the formation with planetesimals takes too long, even for these low masses (Fig. 7) .
Population synthesis
Population synthesis models attempt to reproduce the observed distributions of exoplanets by combining planetesimal accretion, gas accretion, and planet migration in protoplanetary discs. The first investigations of this nature started nearly a decade ago (Ida & Lin 2004; Alibert et al. 2004) . However, to make these models work, some fundamental assumptions are made.
Firstly, because the accretion of planetesimals is very inefficient (Levison et al. 2010 ), a much higher total amount of solids than the standard solar value has to be assumed in order to make the population synthesis simulations work. In Ida & Lin (2004) the total amount of planetesimals has to be at least five times the solar value in order to produce planets effectively.
Secondly, the migration rates of protoplanets inside the discs are found to be too high. Ida & Lin (2008) find that type-Imigration needs to be reduced by factors of 10−100 to reproduce the observed distributions of exoplanets. However, by taking outward migration due to the entropy driven corotation torque into account, the reduction of type-I migration can be greatly decreased so that it might not be needed any more (Alibert et al. 2013; Dittkrist et al. 2014) . However, in these simulations ∼ 60% of the formed planets still move inside 0.1 AU (Dittkrist et al. 2014) , showing that migration is still a problem for planet population synthesis models (Benz et al. 2014) .
Thirdly, the evolution of the disc is either considered only via a simple power law (Ida & Lin 2004; Ida & Lin 2008) or follows a viscous disc evolution, where the gradients in surface density and temperature do not change in value but only move inwards as the disc accretes (Dittkrist et al. 2014) . Keeping the gradient in surface density and temperature at the same value has important consequences for the torque acting on embedded planets in the disc, because these gradients determine the migration rates and direction of planets (see section 2.4). However, recent simulations of protoplanetary discs taking heating and cooling effects into account have shown that these gradients change as the disc evolves in time Baillié et al. 2015) .
Fourthly, the initial gas mass, metallicity, and lifetime of the disc and the initial starting position of the planetary seeds are randomized in population synthesis studies (Benz et al. 2014) . This can allow for the formation of massive planets (M P > 100M E ) in the outer regions of the disc (r P ≈ 10 AU), where the random selection of a very high disc mass allowed the formation of massive planets even in the outer disc. Disc column densities of more than ten times the MMSN are not found in observations of real protoplanetary discs (Williams & Cieza 2011) . However, even for such high disc masses, population synthesis models have problems forming planets at r P > 10 AU.
After applying these fundamental assumptions to their models, population synthesis models can reproduce the observed distribution of exoplanets to some extent. However, they still face two challenges: i) a huge amount of the initial seed planets mi-A&A proofs: manuscript no. Planetgrowth grate to the inner edge of the disc and ii) they fail to reproduce ice giant planets in the outer parts of the disc (r f > 8 AU) on a regular basis. These type of planets are only produced if the conditions for the surface density of solids and disc dispersal time are just right by coincidence.
In the pebble accretion scenario we do not make any simplifications or reductions regarding the migration speed of planets, nor do we increase the amount of solids in our disc to unreasonably high amounts. Our planets can form with the nominal solar metallicity, where we use 0.5% of solids in micrometre-sized dust grains and 1.0% of solids in the form of pebbles, which makes a total of 1.5% in solids.
The amount of planets that reach the inner edge of the disc is greatly reduced when the planets start to grow late in the disc. Considering that only a few percent of the stars harbour hot gas giants, a late formation scenario of planetary seeds (t 0 ≈ 2 Myr for disc lifetime of 3 Myr) with pebble accretion naturally explains this observation, because the available time until disc dispersion is reduced, making the formation of hot gas giants more difficult. The late formation of planets also results in the formation of ice giants in the inner disc (between 1 and 5 AU). Those are amongst the most detected planets in our galaxy (Fressin et al. 2013) .
Pebble accretion is very efficient in the outer disc in the early stages (Fig. 4) , but becomes less efficient as time evolves. However, pebble accretion is much more efficient than planetesimal accretion, which allows the formation of ice planets in the outer disc.
In contrast to population synthesis models, where the outcome (which type of planet) is determined by the initial conditions such as the mass and lifetime of the protoplanetary disc and the surface density of planetesimals, our pebble accretion approach shows that the outcome of planet formation can be very different depending on the different initial times at which the planetary seed is placed in the disc.
We have also tested whether planets in our simulations are subject to type-III migration (Masset & Papaloizou 2003) or are influenced by dynamical corotation torques (see Appendix E). In our simulations, we find that these effects only play a role in the early stages of the disc evolution, when the disc is still massive. At the later stages of the disc evolution, these effects no longer play a significant role because the disc is not that massive any more.
The effect of type-III migration and of the dynamical corotation torques are crucial for population synthesis models, where a higher disc mass is needed to form planets. However, population synthesis models do not take type-III migration into account, which makes evolution of the semi-major axes in population synthesis models very doubtful, because type-III migration and dynamical corotation torques can lead to a faster inward migration. This can result in even more planets that are lost to the inner disc in population synthesis models.
Summary
In this paper we have combined previous results and theories of planet migration (Ward 1997; Lin & Papaloizou 1986; with pebble accretion (Ormel & Klahr 2010; Morbidelli & Nesvorny 2012; Lambrechts & Johansen 2012; ) and gas accretion (Machida et al. 2010; Piso & Youdin 2014) in evolving protoplanetary discs around Sun-like stars. We aimed to study where and when planets in a disc have to form in order to Table 1 ). The black region contains small objects with M < 0.1M E .
achieve a certain planetary mass and orbital distance to the star, which we used to define some distinct planetary types.
The initial planetary seeds grow via pebble accretion until they reach their pebble isolation mass , which is when gas accretion can start. This initial growth stage depends on the metallicity of pebbles Z in the disc, i.e. the number of pebbles available to be accreted, and on the location in the disc, because the pebble isolation mass depends on the aspect ratio of the disc (eq. 16). The latter changes in time as the disc evolves . As the aspect ratio of the disc decreases in time, the final mass of the cores become lower for planets that start their evolution in the disc at a later time t 0 . Likewise, the mass of the core increases for planets that start to form at greater orbital distances r 0 , because of the flaring structure of the disc, where H/r increases with increasing r and thus increases the pebble isolation mass.
After the planet reaches pebble isolation mass, it can start to accrete gas. But before runaway gas accretion can start, the gaseous envelope has to contract to reach M c < M env . This contraction time depends critically on the opacity inside the planetary atmosphere, which is not very well constrained, therefore future work should aim to study gas accretion and envelope contraction of planets with gaseous atmospheres in a much better way. After the envelope contracted, runaway gas accretion can start and the planets can become gas giants.
During the growth process of the planets, they migrate through the disc. While they accrete pebbles, the planets are small and do not significantly disturb the surroundings of the disc, meaning they migrate in type-I migration. This migration is inwards in the outer regions of the disc and can be outwards in the inner regions of the disc. However, these regions of outward migration change as the disc evolves and accretes onto the star. When the planet starts to accrete gas, it can also outgrow the regions of outward migration, and the planet moves fast inwards towards the star. But, when the planet becomes massive enough, it will start to open a gap in the disc and migrate in the slow type-II migration, which can keep it from reaching the inner edge of the disc.
We can roughly categorise the planets by their their final mass M P and orbital distance r f in the disc. The formation regions of these classes are displayed in Fig. 10 .
Hot gas giants form early in the inner regions of the disc (small t 0 and small r 0 ), grow quickly to the pebble isolation mass, and can then be trapped in a region of outward migration, where their envelope contracts until they can accrete gas in a runaway fashion. At that point they have outgrown the region of outward migration and migrate into the inner disc, where they get stranded close to the central star.
Warm and cold gas giants have a much wider parameter space in r 0 − t 0 to form than hot gas giants. They can form early far out in the disc, while they can still form later in the disc (up to t 0 ≈ 2.2 Myr) at moderate distances (r 0 ≈ 15 AU). They undergo the same kind of growth mechanisms as hot gas giants, but because they form initially at a greater orbital distance or a later time, they need to migrate more to end up in the inner disc as a hot gas giant. Their larger initial semi-major axis or late formation time keeps them far out in the disc.
Ice giants are planets located in the dark blue region in Fig. 10 . They have M c > M env and a total mass that is higher than 2 Earth masses. They can form at all orbital distances, depending on their formation time. The formation in the outer disc allows them to have a larger core, because of the large pebble isolation mass, and the late formation time hinders an efficient contraction of the envelope, so they do not reach runaway gas accretion. In the inner parts of the disc, the pebble isolation mass is lower (low H/r), which prolongs the contraction of the envelope, resulting in a lot of planets with M c > M env , which are ice giants by our definition.
Ice planets are small planets that have formed in the cold parts of the disc r f > r ice . These planets are very common in the outer regions of the disc, if the growth of planets starts in the late stages of the disc evolution (t 0 > 2 Myr). These planets did not reach pebble isolation mass and have therefore only a very minimal gaseous envelope, which should allow them to have a density similar to ice giants.
In contrast to previous simulations of the formation of giant planets by planetesimal accretion, we do not make any simplifications regarding planet migration, nor do we have to assume an unreasonably high amount of solids in the protoplanetary disc to form planets (Pollack et al. 1996) . Additionally, our protoplanetary disc evolves in time and changes not only its total mass, but also its temperature and density profiles as the accretion rate decreases. Therefore, the pebble accretion scenario suggests that different types of planets emerge as a result of different formation time and location in the disc.
We have shown here that pebble accretion can overcome many of the challenges in the formation of ice and gas giants in evolving protoplanetary discs. Gas giants in our model do not form in situ, but migrate over several AU during their formation process, which requires a formation of the planetary seeds far out in the disc. In contrast to that, ice planets and ice giants are more likely to form in situ compared to giant planets. In fact, ice planets and ice giants only form in the late stages of the disc evolution or in the outer parts of the disc. A late formation time thus gives rise to a wide variety of planetary types, akin to those found in our solar system, as well as in extrasolar planetary systems. tional lifetime of 2 Myr therefore only models the decay of the accretion rate fromṀ = 2 × 10 −9 M ⊙ /yr toṀ = 1 × 10 −9 M ⊙ /yr. Starting from the same initial configuration as for Fig. 2 , namely starting planets at different orbital distances when the disc has already evolved to t D = 2 Myr, results in Fig. A.1 , where we present the growth tracks of planets in discs that live 3 Myr and 5 Myr. The planets are inserted at t D = 2 Myr, so they undergo 1 Myr or 3 Myr of evolution, respectively. The evolution of the planets in the disc that lives longer is identical to the disc that lives for a shorter time, because both discs have the same properties.
In the disc that lives longer, planets have more time for their evolution. This means that the planets, which have not contracted their gaseous envelope completely, can now do so and thus start rapid gas accretion. This is clearly seen for the planet in the inner system (Fig. A.1) , which classified as an ice giant in the 3 Myr disc, while it is a hot gas giant in the disc that lives for 5 Myr. Similar fates are shared by the planets that form in the outer system. Those who already started rapid gas accretion accrete so much gas that the planet becomes massive enough that type-II migration shifts from disc-dominated to planet-dominated (eq. 22), reducing its migration speed. The ice giants in the outer disc now have more time to accrete pebbles and reach their isolation mass, so that they can contract their envelope and undergo runaway gas accretion, transforming them into gas giants. Even the planetary seed that would only grow to become an ice planet in a disc that lives 3 Myr (Fig. 2) evolves into a gas giant. This also indicates that the lifetime of the disc does not only play any role in terminating the growth of gas giants, but for planets in general.
In Fig. A.2 we present the r 0 -t 0 map for a disc that undergoes 5 Myr of evolution. The general shape of the different regions where different planetary types emerge (e.g. gas giants, ice giants) is very similar to Fig. 4 where the disc lived for 3 Myr in total. The difference is now that the formation of all planetary types can start at 3.5 Myr, compared to ≈ 2 Myr in the disc that lives 3 Myr. Otherwise, the general results do not change. A longer disc lifetime transforms smaller planets to larger ons, because they have more time to grow, and reduces the final semimajor axis of those planets, because they have more time to migrate.
Appendix B: Constraints on the opacity during envelope contraction
After the core reaches pebble isolation mass, it hosts a gaseous envelope that first undergoes contraction on a long time scale, before runaway gas accretion can start. During this contraction phase, the envelope grows slowly until M c = M env , which is A&A proofs: manuscript no. Planetgrowth when rapid gas accretion can start. The accretion rate during the contraction phase is given by eq. 17. The opacity κ env inside the envelope is crucial in determining the accretion rate during envelope contraction. Unfortunately, the opacity inside the planets envelope is poorly constrained (Ikoma et al. 2000) . Not only is the size of the grains important for determining the opacity, but also the temperature in the planetary atmosphere. As grain growth can be efficient in planetary atmospheres (Mordasini 2014) and the temperature of a planet accreting gas is higher than the surrounding disc, the opacity of the planetary atmosphere is reduced compared to the opacity in the disc. Additionally, the opacity depends on the underlying chemical composition of the grains, which depend on the composition of the disc and the temperature in the disc. The nominal opacity in eq. 17 is set to κ env = 0.05 cm 2 /g. Further reductions in the opacity of the envelope result in faster contraction times of the envelope, so that M c < M env is reached Fig. B.1 . Mass of the planet as a function of time. The mass of the core (red line) increases via pebble accretion until isolation mass is reached at 350 kyr. Then the envelope starts to contract (dashed lines), which in increases the total mass (solid lines). The contraction time of the envelope depends on the opacity of the envelope κ env , where lower opacity results in a shorter contraction time, so that when M c = M env , rapid gas accretion can start. The planet is placed in a disc at t 0 = 2 Myr at r 0 = 10 AU.
at shorter times, allowing runaway gas accretion during the disc's lifetime. In fact, a close-to-zero opacity allows rapid gas accretion onto cores of just 1M E (Hori & Ikoma 2010) . When setting κ env = 0.05 cm 2 /g, the contraction time of the envelope is roughly of the as the building time of the core via the pebble accretion shown in Fig. B. 1. This value is very close to the estimate of opacity in the envelope of Movshovitz & Podolak (2008) .
In Fig. B .1 we display the growth of a planet as a function of time. After the core has reached pebble isolation mass, the envelope starts to contract, where the opacity in the envelope κ env sets the contraction time. It clearly shows that higher opacity in the envelope prolongs the contraction time of the envelope.
A prolongation of the contraction time has important consequences for the formation of planets, because the planet will then spend a longer time in type-I migration before it is massive enough to open a gap in the disc. This means that the distance the planet migrates from its initial position r 0 is greater for a higher values κ env , unless the planet is caught in a region of outward migration. However, this can only happen in the early evolution stages of the disc. In the late stages of the disc evolution, a longer contraction time will lead to an enlargement of parameter space that allows for the formation of ice giants at a few AU, because these planets have very small cores and therefore do not contract an envelope.
Appendix C: Planet formation in the MMSN
To emphasize the importance of a realistic disc structure for the formation of planets, we tested our planet formation model also with a MMSN disc Hayashi 1981) . A simple power law disc was also used in , but with slightly different parameters compared to the MMSN. Here we directly probe the MMSN, where the discs surface density is given by Fig. 4 . We again use a metallicity of pebbles of Z = 1.0%. In contrast to the disc model of Bitsch et al. (2015) , the MMSN disc allows 0.1 AU < r f < 5.0 AU only for a very small amount of parameter space. Either the planets fall close to the central star (r f < 0.1 AU) or they stay outside of 5 AU. On the other hand, the parameter region that allows for the formation of ice giants is greatly increased compared to Fig. 4 .
The aspect ratio of the disc follows which indicates that there are no planet traps due to the entropy driven corotation torque, because those traps exist only when H/r decreases with radius ). The time evolution of the surface density is given by
where τ disc = 3 Myr and Σ 0 = 1700g/cm 3 . From this disc structure we model the formation of planets, and the resulting r 0 -t 0 diagram is shown in Fig. C.1 .
The resulting planets look dramatically different from those in Fig. 4 . In the inner regions of the disc (r 0 < 10 AU), the planets do not reach rapid gas accretion, because the migration in the inner disc is so rapid (because of the high surface density) that the planets arrive at r f < 0.1 AU before M c < M env . Planets that form farther outside can reach this stage (M c < M env ), but their migration is still so rapid that they end up at r f < 0.1 AU. Nearly a third of the r 0 -t 0 parameter space results in planets with r f < 0.1 AU. Only a very small band allows for the formation of planets with 0.1 AU < r f < 5.0 AU, where most of these planets have M c > M env , indicating that the formation of ice giants outside of 1 AU and inside of 5 AU is very hard in this disc model. However, outside of 5 AU, a very large band allows for the formation of ice giants (green region in Fig. C.1 ). These ice giants have a much larger number of solids (∼ 20 − 30M E ) compared to Fig. 4 . This is caused by the higher aspect ratio in the MMSN disc, compared to our nominal disc model , which increases the pebble isolation mass (eq. 16). Additionally, in the MMSN disc model, only the surface density evolves in time, while the aspect ratio does not evolve, allowing a high pebble isolation mass in all disc evolution stages. In combination with the efficient pebble accretion, planets in this disc model will have a higher core mass than in the nominal disc model used in Fig. 4 . Two examples of the evolution of planets with and without heating torque. Both planets starting at 5 AU start at an early initial time t 0 = 100 kyr, while the planets starting at 15 AU start at a late initial time of t 0 = 2 Myr. The small black dots indicate a time difference of 200, 400, 600, and 800 kyr from the starting time. The big black dots indicate an evolution time of 1 Myr. The planets starting early and in the inner disc only evolve for ∼ 500 kyr total. With the fast growth rates of pebble accretion, it seems that the heating torque only has minimal effects on the final configuration of evolving planets.
The planet that grows when we take the heating torque into account has a somewhat larger final semi major axis, but reaches a similar final planetary mass. The reason for this effect not seeming too important here is that small mass bodies migrate quite slowly, and they also grow quite quickly thanks to pebble accretion, so that they reach 5 M E rather quickly, so that the planet experiences the effects of the heating torque for only a small amount of time.
The general results of our simulations, for example Fig. 4 , still holds, even when taking the heating torque into account. The only thing that changes is that the final orbital positions r f of the planets are slightly larger, meaning that a smaller r 0 is needed to achieve a certain final orbital position r f . In the simple test here, the initial semi-major axis can be up to 2 AU smaller in order to achieve the same r f for a given t 0 compared to simulations where the heating torque is not taken into account, making the effect in a global picture not that important here.
This effect seems to not be too important in the pebble accretion scenario because of the fast growth rates. The fast growth rates for reaching M P > 5M E mean that there is only a short time for the planet to actually spend migrating. The resulting difference between simulations with and without heating torque where the accretion rates are high is therefore minimal. However, the heating torque could have substantial effects when the accretion rate is low, and the heating torque reduces the torque causing inward migration. In Cossou et al. (2014) the growth of planetary cores is modelled in N-body simulations via the collision of planetesimals. There the production of the cores of giant planets at large orbits is hindered by the fact that planets migrate inwards too fast below the region of outward migration (because the planets are not massive enough and do not grow fast enough), which results in many super-Earth types of planets instead of giant planets. Including the heating torque this picture could change, because the inward migration speed is reduced for these small objects, which could allow them to grow more and reach the region of outward migration. Additionally, if the metallicity caused by µm sized dust grains is greater than the 0.5% as in our work, the heating torque could become more prominent, because it strongly increases with increasing opacity, which directly scales with the metallicity.
Appendix E: Type-III migration and dynamical corotation torque
When a planet is big enough to carve a gap around its orbit, the horseshoe region becomes depleted. However, when the mass pushed away by the planet is higher than the mass of the planet itself (the co-orbital mass deficit), the planet can undergo a rapid change of semi-major axis, which is described as type-III migration (Masset & Papaloizou 2003) . Migrating planets also experience dynamical torques, which are proportional to the migration rate and depend on the background vortensity gradient (Paardekooper 2014 ). Here we want to discuss how these effects influence our models. The description of how these mechanisms work can be found in section 2.4. In Fig. E.1 we have indicated the planets that would either undergo type-III migration or are subject to dynamical corotation torques (everything below the green and purple lines in Fig. E.1 ) resulting in the fact that the final orbital positions in these regions are not exactly marked by the black lines. The final orbital positions are most likely closer to the host star, because the runaway type-III migration follows the direction of motion, which is inwards in regions outside of r > 12 AU (Fig. 1) . This process only occurs in the early stages of the disc evolution, where the disc is still massive. In the later stages of the disc evolution, the disc is less massive, and these effects are not significant any more, making the predictions of our model reliable in this part of parameter space.
Simulations with a larger number of pebbles can form gas giants more easily and in a larger parameter space in r 0 -t 0 (Fig. 5) . A larger number of pebbles results in a faster growth of the planetary core, which then can contract its envelope faster as well, leading to a total faster growth of the planet. This means the planet will reach the mass where it starts to open a gap partially in the disc earlier as well. However, in an earlier stage of evolution, the disc is also more massiv, indicating that the co-orbital mass deficit is larger as well, making the planet more prone to type-III migration. The same effect applies for the dynamical corotation torque. In the situation of a larger number of pebbles in the disc, a greater number of planets in the r 0 -t 0 parameter space are affected by type-III migration and dynamical corotation torques (Fig. E.1 ).
